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variation of the monochromatic cross section between 195 K
and 295 K. Below 195K and above 295K no temperature
dependence is considered, as in the nominal model of Nair
et al. [1994]. This last assumption may affect the photo-
absorption rates in the lower atmosphere, as discussed by
Nair et al. [1994] (see, for example, their Figure 16). The
cross section for Rayleigh scattering for CO2 is also
included, following Atreya and Gu [1994].
[12] The solar flux at TOA was taken from the

‘‘SOLAR2000’’ database [Tobiska et al., 2000] for solar
maximum (F10.7 = 224.1), medium (F10.7 = 118.3), and
minimum conditions (F10.7 = 73.8), and scaled to the
appropriate Sun-Mars distance. The original, high resolu-
tion data for the solar flux and cross sections have been
averaged to a 1 nm spectral regular grid for the calculations
in this work; a sample of calculations performed for higher
spectral resolution did not show differences.
[13] Calculations for this work were performed for a

temperature/density reference atmosphere appropriate for
medium solar activity conditions, shown in Figure 1. This
and the gases abundances profiles were taken from Nair et
al. [1994], and the surface pressure was set to 6.4 mbar.
This 1-D model can handle any altitude grid; for this work,
a 1-km regular grid was used.

2.2. Selected Results

[14] Typical results of atmospheric heating rates due to
the different constituents are shown in Figure 2. The largest
contribution obviously comes from the major constituent of
the Mars atmosphere, CO2, which is responsible for a
maximum heating rate of about 500 K/day around 150 km
altitude, for moderate conditions of solar activity. Even in
the upper layers of the atmosphere, where O is as abundant

as CO2, the latter is the dominant heater, showing that CO2

is more efficient heating the atmosphere than O, because it
absorbs radiation in a wider spectral range.
[15] Comparisons with nominal results from other models

of UV solar heating of the Martian upper atmosphere were
performed within an intercomparison campaign carried out
recently [López-Valverde et al., 2003]. While an excellent
agreement was obtained with the photoabsorption coeffi-
cients for CO2 and O2 of the UV absorption model by the
Service d’Aeronomie [Lefevre et al., 2004], significant
differences with the O2 photoabsorption coefficients of the
MTGCM [Bougher et al., 1999] were obtained. These are
probably due to the use of different absorption cross
sections in the Lyman a region and at wavelengths higher
than 190 nm.

3. UV Heating Fast Scheme

[16] An approximation to the atmospheric optical path is
at the core of our scheme. The optical depth depends both
on the abundances of the different compounds and on their
cross sections. If the monochromatic cross sections of each
species i are not dependent on temperature or pressure,
which is an approximation appropriate for the upper atmo-
sphere, then the optical depth tl can be expressed

tl zð Þ ¼ 1

m

X

Ngases

i¼1

si;l
Z zTOA

z

ni z
0ð Þdz0 ð2Þ

and the only variation with altitude is due to the column
amounts of the different absorbers. This idea, used
previously in UV heating calculations for the terrestrial
atmosphere (see, for example, Zhao and Turco [1997, and

Figure 1. (left) Temperature (solid) and pressure (dashed) and (right) relative abundances of some key
compounds for the reference atmosphere. See text for more details.
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Figure 18. The [O]/[CO2] ratios for each of the eight DDs. DD = Deep Dip.

The temperatures derived from the CO+
2 UVD scale heights vary between

153 and 400 K, with a mean of 270 ± 5 K, which agrees well with those
derived from the CO Cameron band. NGIMS has observed temperature
extremes above 400 K, consistent with the warmest SPICAM dayglow
results.

Using similar methodology, CO Cameron and CO+
2 UVD scale heights have

been measured by IUVS aboard MAVEN. Jain et al. (2015) calculate scale
heights in the 150- to 180-km region of the atmosphere for two periods in
2014 and 2015, encompassing MAVEN orbits 109 to 128 and 1160 to 1305
(with a gap from orbit 1221 to orbit 1276), respectively. For these two bins,
Jain et al. (2015) find the mean CO+

2 UVD scale heights to be 16.2 ± 0.1 and
14 ± 0.1 km, corresponding to temperatures of 300 ± 2 and 250.6 ± 1.7 K,
respectively, with standard deviations of 29 K for both bins, which repre-
sents variability rather than measurement error. NGIMS and IUVS do not
measure the same region of the atmosphere during these time periods
since IUVS probes the atmosphere some distance away from the space-
craft. Further, NGIMS does not sample all the way down to 150 km early
in the MAVEN mission (see Figure 1). However, the measurements from

NGIMS and IUVS do sample the same solar and seasonal conditions. Over 17 orbits between 109 and 128
(the first period analyzed by Jain et al., 2015), we obtain an average temperature below 180 km of 288.1 K
with a standard deviation of 45.2 K, indicative of large variability. Over 53 orbits between 1160 and 1220 and
between 1277 and 1305 (the second period analyzed by Jain et al., 2015), we obtain an average temperature
below 180 km of 253.6 K with a standard deviation of 47 K. Thus, the temperatures we derive from NGIMS
measurements are in good agreement with IUVS CO+

2 and CO Cameron band scale height temperatures from
the same time period.
3.4.5. MENCA Measurements
The MENCA quadrupole mass spectrometer onboard MOM directly sampled the Martian upper atmosphere
over the course of four orbits in December 2014. During this time period, the spacecraft reached altitudes
down to about 260 km at periapsis. Bhardwaj et al. (2016) estimate atmospheric scale heights of MENCAmea-
surements in the m∕z = 44, 28, and 16 channels to derive exospheric temperatures at local times between

Figure 19. Comparison of modeled temperature profiles with NGIMS data.
The model temperature profiles for equatorial latitudes at 12 p.m. (red lines)
and 12 a.m. (blue lines) compared to DD2 (red +) and DD6 (blue +) NGIMS
temperature profiles. The solid lines are for models calculated with the
nominal O-CO2 collisional deexcitation rate of k = 3 × 10−12 cm−3 s−1, the
dotted lines for k = 6 × 10−12 cm−3 s−1, and the dashed lines for
k = 1.5 × 10−12 cm−3 s−1. The shaded regions represent 1 ! variabilities of
the NGIMS temperatures. NGIMS = Neutral Gas and Ion Mass Spectrometer;
DD = Deep Dip.

5 p.m. and 6:30 p.m. and Ls between 255 and 262∘ (near perihelion). Bhard-
waj et al. (2016) observe a temperature range of 243–287 K, with a mean
of 271±5 K, over the three channels and all four orbits. This mean temper-
ature is warmer than the Tiso of 232 ± 10 K we calculate for DD1, which was
executed at a local time of 6 p.m. at Ls = 291∘. DD1 was executed during a
period which was further from perihelion than the MENCA measurements,
which could explain why the exospheric temperatures from MENCA are
warmer. Bhardwaj et al. (2017) identified and analyzed some anomalous
thermal profiles high in the thermosphere using a combination of MENCA
and NGIMS data. We have not carried out a thorough investigation of this
structure and so do not address it here.
3.5. Model Comparisons
The temperature distributions described in the previous sections are
broadly in accord with expectations based on solar UV and near IR heating,
thermal conduction, and radiative cooling, the primary drivers of the ther-
mal structure of the Martian upper atmosphere that have been thoroughly
described in the literature (Bougher et al., 1994, 2000, 2006, 2009; Bougher,
Cravens, et al., 2015; Bougher, Engel, et al., 1999). To demonstrate this, we
have constructed time-dependent 1-D models for the thermal structure of
the upper atmosphere. Although these models neglect dynamical redistri-
bution of heat, they compare surprisingly well with the data. This compar-
ison can be used to investigate some characteristics of the redistribution
of heat by dynamics.

STONE ET AL. 2860

From  Stone  et  al.  
(2018)

Note  that  the  expected  
solar  cycle  and  seasonal  
variation  in  dayside  

exospheric  temperature  
is  about  150  K  (Bougher

et  al.  2015a).
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Figure 15. Temperature (in color) binned as a function of CO2 density
(vertical axis) and local time (horizontal axis). White bins signify no data.
Measurements are constrained to latitudes between 60∘N and 60∘S.

isothermal over the entire vertical region sampled by NGIMS. For example,
during DD6, the temperature increases from 92 ± 16 K at periapsis to just
122 ± 34 K near a CO2 density of 107 cm−3.

There is wide variation among and within the four dayside DDs 1, 2, 4, and
8, which were executed around 6 p.m., 12 p.m., 4 p.m., and 2 p.m. local
time, respectively. DDs 8, 4, and 1, in that order, show a gradual increase in
temperature of about 38 ± 12 K from 2 p.m. to 6 p.m. in the midlatitudes,
though the relatively high solar EUV irradiance during DD1 must be taken
into account. The two warmest DDs, 1 and 2, occurred shortly after peri-
helion (Ls = 251∘), which helps to explain why DD1, executed at 43∘N in
northern winter, is warmer than DD4, which was executed at 64∘S in south-
ern autumn. The mean daily EUV irradiance short of 90 nm for DD4 is just
63% of that for DD1 (Table 1). DD7, executed around 8 p.m. local time, is
the only DD to occur in the late evening hours. Further, mean daily EUV
irradiance during DD7 is 46% of that of DD1, which was executed around
6 p.m. local time. As a result, the DD7 temperature profile is intermediate
between those of the warmer dayside DDs and the cooler nightside DDs.

The characteristic thermospheric temperature gradient is well character-
ized in the warmer DD temperature profiles. The thermospheric gradient can only be fully observed in NGIMS
DD profiles since MAVEN does not descend low enough into the thermosphere on nominal orbits to com-
pletely traverse this critical region. The observed rise in temperature with altitude in the lower thermosphere
(at CO2 densities greater than ∼109 cm−3) is a result of the fact that this region is optically thick to most solar
EUV radiation, which is thus absorbed leading to a rise in temperature. Between periapsis and a CO2 density of
109 cm−3, the thermospheric gradients for the warmer DDs (in order of increasing isothermal temperature) 7,
8, 4, 1, and 2 are 1.33 ± 0.16, 2.18 ± 0.21, 2.49 ± 0.19, 1.72 ± 0.10, and 2.69 ± 0.33 K km−1, respectively. Near
the mesopause, at CO2 densities of 4 to 5 × 1011 cm−3, the mean temperatures of all eight DDs are constrained
between 92 ± 16 K (DD6) and 137 ± 23 K (DD2).
3.2. Exospheric Temperature Variations
Figure 15 shows the diurnal variation of the temperature in the upper atmosphere of Mars between CO2 den-
sities of 1010 and 106 cm−3. The temperatures represent the average in a given local time and altitude bin over
measurements for any longitude, Ls, and latitude between 60∘N and 60∘S. From these data, it can be seen that
the thermosphere begins to warm at 5 a.m. and quickly reaches temperatures over 200 K. A peak tempera-
ture of 249 ± 11 K is reached around 3 p.m. at a CO2 density of 107 cm−3. The atmosphere then rapidly cools
to 159 ± 43 K by 11 p.m. at the same density level, dropping below 100 K close to the mesopause.

Figure 16. Temperature as a function of Martian local time at two constant CO2 density levels: 106 cm−3 (red) and
109 cm−3 (blue). Measurements are constrained to latitudes between 60∘N and 60∘S. The shaded regions represent 1 !
variabilities.

STONE ET AL. 2854From  Stone  et  al.  (2018)
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Figure 22. Energy balance terms for (top) noon and (bottom) midnight
conditions from our 1-D model. The legend in the bottom panel refers to
both panels.

This indicates that the model accurately captures the thermal time con-
stants in the thermosphere. The nighttime temperatures in the model are
cooler than the observations, which are shown in Figure 15. Figure 19
shows that the model temperature near midnight is close to isothermal,
while the observed profile displays a temperature rise of ∼20 K. Figure 21
shows that the exospheric temperature in the model reaches 100 K, the
lower boundary temperature, near midnight and stays at this level until
6 a.m., while the minimum observed exospheric temperature is ∼120 K.
This difference is likely due to the neglect of dynamics in the 1-D mod-
els. Our results indicate that the dynamical redistribution of heat in the
thermosphere is modest. A temperature rise of 20 K in the nightside ther-
mosphere requires that 10% to 15% of the solar energy deposited on the
dayside is transported to the nightside. This would have only a minor effect
on dayside temperature and is, for example, of the same order as the tem-
perature difference due to the uncertainty in the solar heating efficiency
(Fox et al., 1996). In contrast, the Mars Thermospheric Global Circulation
Model predicts ∼30% of energy deposited on the dayside is carried away
by horizontal advection (Bougher et al., 2009).

Figure 22 shows the terms in the full energy balance equation for noon
and midnight conditions. Near noon, solar UV heating is balanced pri-
marily by thermal conduction at high altitudes (CO2 densities less than
1010 cm−3) and CO2 radiative cooling at low altitudes (CO2 densities greater
than 1010 cm−3). The peak in the CO2 radiative cooling rate is produced
by the combination of a decreasing collision rate with altitude and an
increasing O mole fraction. The heating and cooling terms do not balance
in this time-dependent calculation and, in fact, the time derivative of tem-
perature term is comparable to, though somewhat smaller than, the solar
heating rate.

We can gain some insight into the phase shift between the peak solar inso-
lation and peak temperature by employing some simplifying, but severe,
approximations. The time-dependent energy balance equation can be
written as

!cp
"T
"t

= QUV − QIR +
"
"z

# "T
"z

, (11)

where ! is the mass density, cp the specific heat at constant pressure, QUV the solar UV heating rate, QIR the
radiative cooling rate, and # the thermal conduction coefficient. To estimate the thermal time constant, we
will assume that QIR ∼ 0 in the region of interest and that

QUV = Q∘ exp (iΩt) , (12)

where Ω is the planetary rotation frequency. We also define

T = T∘ + ΔT exp (iΩt) . (13)

Substitution of equations (12) and (13) into equation (11) gives

!cpiΩΔT = Q∘ +
"
"z

# "ΔT
"z

. (14)

We now approximate
"
"z

# "ΔT
"z

∼ #ΔT
H2

T

, (15)

STONE ET AL. 2862

Journal of Geophysical Research: Planets 10.1029/2018JE005559

Figure 22. Energy balance terms for (top) noon and (bottom) midnight
conditions from our 1-D model. The legend in the bottom panel refers to
both panels.

This indicates that the model accurately captures the thermal time con-
stants in the thermosphere. The nighttime temperatures in the model are
cooler than the observations, which are shown in Figure 15. Figure 19
shows that the model temperature near midnight is close to isothermal,
while the observed profile displays a temperature rise of ∼20 K. Figure 21
shows that the exospheric temperature in the model reaches 100 K, the
lower boundary temperature, near midnight and stays at this level until
6 a.m., while the minimum observed exospheric temperature is ∼120 K.
This difference is likely due to the neglect of dynamics in the 1-D mod-
els. Our results indicate that the dynamical redistribution of heat in the
thermosphere is modest. A temperature rise of 20 K in the nightside ther-
mosphere requires that 10% to 15% of the solar energy deposited on the
dayside is transported to the nightside. This would have only a minor effect
on dayside temperature and is, for example, of the same order as the tem-
perature difference due to the uncertainty in the solar heating efficiency
(Fox et al., 1996). In contrast, the Mars Thermospheric Global Circulation
Model predicts ∼30% of energy deposited on the dayside is carried away
by horizontal advection (Bougher et al., 2009).

Figure 22 shows the terms in the full energy balance equation for noon
and midnight conditions. Near noon, solar UV heating is balanced pri-
marily by thermal conduction at high altitudes (CO2 densities less than
1010 cm−3) and CO2 radiative cooling at low altitudes (CO2 densities greater
than 1010 cm−3). The peak in the CO2 radiative cooling rate is produced
by the combination of a decreasing collision rate with altitude and an
increasing O mole fraction. The heating and cooling terms do not balance
in this time-dependent calculation and, in fact, the time derivative of tem-
perature term is comparable to, though somewhat smaller than, the solar
heating rate.

We can gain some insight into the phase shift between the peak solar inso-
lation and peak temperature by employing some simplifying, but severe,
approximations. The time-dependent energy balance equation can be
written as

!cp
"T
"t

= QUV − QIR +
"
"z

# "T
"z

, (11)

where ! is the mass density, cp the specific heat at constant pressure, QUV the solar UV heating rate, QIR the
radiative cooling rate, and # the thermal conduction coefficient. To estimate the thermal time constant, we
will assume that QIR ∼ 0 in the region of interest and that

QUV = Q∘ exp (iΩt) , (12)

where Ω is the planetary rotation frequency. We also define

T = T∘ + ΔT exp (iΩt) . (13)

Substitution of equations (12) and (13) into equation (11) gives

!cpiΩΔT = Q∘ +
"
"z

# "ΔT
"z

. (14)

We now approximate
"
"z

# "ΔT
"z

∼ #ΔT
H2

T

, (15)

STONE ET AL. 2862

Aeronomy of the Venus Upper Atmosphere 1651

Fig. 19 VTGCM slice (70–180 km) near the equator for neutral temperatures (K) (altitude vs. LT). Solar
minimum conditions (F10.7 ∼ 70 at Earth) are utilized (from Bougher et al. 2013)

Fig. 20 VTGCM heating and cooling rates (K/day) for solar minimum conditions at SZA ∼0° (on the
equator at noon) (from Brecht and Bougher 2012)

These panels clearly indicate that symmetric (SS-AS only) winds have equal (but opposite
signed) magnitudes at the ET and MT locations, while asymmetric (SS-AS + RSZ) winds
do not. The difference between these two components is plotted in the last panel, illustrating

The  CO2 thermostat  is  less  efficient  on  Mars,  probably  
because  the  Martian  O/CO2 density  ratio  is  smaller  

(Garcia  Munoz  et  al.  2017).



Results  from  the  Mars  Climate  Database  (MCD):  
http://www-‐mars.lmd.jussieu.fr/mcd_python/
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Photolysis  of  CO2 in  the  stratosphere  
(above  ~60  km):

𝐶𝑂# + ℎ𝜈 → 𝐶𝑂 + 𝑂 l <  169  nm

𝐶𝑂 + 𝑂 +𝑀 → 𝐶𝑂# +𝑀

The  reverse  reaction  is  spin-‐
forbidden  and  thus  extremely  slow:

Instead,  we  might  expect:

𝑂 + 𝑂 +𝑀 → 𝑂# +𝑀
𝑂# + ℎ𝜈 → 𝑂 + 𝑂

Should  end  up  with  CO,  O2 and  O  
with  [CO]/[O2]  =  2.

COþ OþM! CO2 þM;

is spin-forbidden, and its three-body reaction rate coefficient is
many orders of magnitude slower than the formation channel for
O2 shown above. Therefore, the net result of the of CO2 photolysis is
2CO2 ! 2COþ O2:

Within the context of a pure CO2 atmosphere, the amounts of
CO and O2 would undoubtedly be very large, even when consider-
ing the photodissociation of O2:
O2 þ hv ! Oþ O:

Specifically, this scenario yields CO and O2 mixing ratios of
7.7 " 10#2 and 3.8 " 10#2, respectively, and a CO:O2 ratio of 2:1,
which is in contradiction to the observed mixing ratios
(7.0 " 10#4 for CO and 1.3 " 10#3 for O2) and ratio of 0.5 (Yung
and Demore, 1999). This suggests that another process stabilizes
the observed CO2 concentration of the martian atmosphere.

The stability of CO2 in the martian atmosphere appeared to be a
contradiction to known chemical kinetics for a pure CO2 atmo-
sphere, where for Mars, there was substantially smaller amounts
of CO and O2 – previously termed the CO2 stability problem. It is well
known that HOx (H, OH, HO2) chemistry plays an important role in
stabilizing the CO2 dominated atmosphere of Mars (McElroy and
Donahue, 1972; Parkinson and Hunten, 1972). According to chemi-
cal mechanisms proposed by McElroy and Donahue (1972) (cata-
lytic cycle 1) and Parkinson and Hunten (1972) (catalytic cycle 2),
CO is then effectively converted back to CO2 via reactions with HOx.

2ðCOþ OH! CO2 þHÞ

2ðHþ O2!
M HO2Þ

HO2 þHO2 ! H2O2 þ O2

H2O2 þ hv ! 2OH

net : 2COþ O2 ! 2CO2 ðcatalytic cycle 1Þ

OHþ CO! Hþ CO2

Hþ O2!
M HO2

HO2 þ O! O2 þ OH

net : COþ O! CO2 ðcatalytic cycle 2Þ

McElroy and Donahue (1972) and Parkinson and Hunten (1972)
recognized that the small amount of water vapor in Mars’s atmo-
sphere could play a fundamental role in atmospheric photochemi-
cal processes. Since these seminal investigations, the only
significant addition involved the reaction of HO2 with NO to yield
NO2 and OH, which introduced 2 new chemical schemes for the
oxidation of CO to CO2 (Nair et al., 1994; Yung and Demore, 1999).
2ðCOþ OH! CO2 þHÞ

2ðHþ O2!
M HO2Þ

HO2 þ NO! NO2 þ OH
NO2 þ hv ! NOþ O
HO2 þ O! OHþ O2

net : 2COþ O2 ! 2CO2 ðcatalytic cycle 3Þ

OHþ CO! Hþ CO2

Hþ O2!
M HO2

HO2 þ NO! NO2 þ OH
NO2 þ O! O2 þ NO

net : COþ O! CO2 ðcatalytic cycle 4Þ

Since Nair et al. (1994), there has not been any significant update
on addressing the CO–CO2 cycling on Mars. The O(1D) quantum yield
has recently been updated, which quantifies nonzero quantum
yields in the Huggins bands (Matsumi et al., 2002). In addition, it is
also known that the OH + CO reaction produces HOCO, a radical spe-
cies, whose impact has never been considered in the martian atmo-
sphere, given the once limited kinetic data on reactions involving
HOCO (Petty et al., 1993; Olkhov et al., 2001; Mielke et al., 2003;
Yu et al., 2005). We, therefore, utilize the Caltech/JPL 1-D photo-
chemical model for Mars to look at the impact on the chemical state
of its atmosphere via the inclusion of updated O(1D) quantum yields
(Matsumi et al., 2002) and HOCO chemistry (Fulle et al., 1996; Sears
et al., 1992) (Table 1). Firstly, the photochemical model setup is
briefly described; thereafter, the impact on NOy, HOx, and COx

chemistry are discussed in Section 3.

2. Photochemical model setup

We utilize the Caltech/JPL one-dimensional (1-D) photochemi-
cal kinetics model for a latitude of 30! versus season, which is sim-
ilar to that used by Yung et al. (1988) and Nair et al. (1994) to study
the, overall, photochemical state of the martian atmosphere. A
detailed description of the 1-D photochemical model can be found
in Nair et al. (1994); we, therefore, only provide a short description
of the model. Specifically, it incorporates Mars atmospheric Ox,
COx, HOx, and NOy chemistry in the presence of vertical diffusive
transport and allows for time-dependent calculations. This model
is an update of the Nair et al. (1994) model. It solves the 1-D con-
tinuity equation,

@ni

@t
þ @Ui

@z
¼ Pi # Li;

(ni, Ui, Pi, and Li are the concentration, vertical diffusive flux, and
chemical production and loss terms, respectively, for species i
(Allen et al., 1981) for 29 species (O, O(1D), O2, O3, N, N(2D), N2,
N2O, NO, NO2, NO3, N2O5, HNO2, HNO3, HO2NO2, H, H2, H2O, OH,
HO2, H2O2, CO, CO2, O+, O2

+, CO2
+, and CO2H+) in 177 reactions from

the surface to the exosphere at 240 km (with 2 km resolution) in
121 levels. In the diurnally-averaged 1-D photochemical model,
the steady-state solution is solved after allowing @ni

@t ! 0. The
vertical flux is given by

Ui ¼ #D
dni

dz
þ ni

Hi
þ nið1þ aÞ

T
dT
dz

! "
# K

dni

dz
þ ni

Hi
þ ni

T
dT
dz

! "
;

where Di is the molecular diffusion coefficient of species i through
the background atmosphere, Hi is the scale height of species i, T is
the temperature, a is the thermal diffusion factor (which we take
to be zero), K is the eddy diffusion coefficient, and H is the scale
height of the background atmosphere.

Table 1
New reactions included in the JPL/Caltech 1-D Photochemical Mars Model. Rate
coefficients are given in cm3 molecule#1 s#1 for bimolecular and cm6 molecule#2 s#1

for termolecular reactions.

Reaction Rate coefficient Reference

R1 OH + CO + M ? M + HCO2 k0 = 5.90E#33
(T/300)#1.4

Sander et al. (2006)

R2 HCO2 + O2 ? HNO2 + CO2 2.00 " 10#12 Sander et al. (2006)
R3 HCO2 + HO2 ? H2O2 + CO2 5.80 " 10#11 Yu et al. (2008)
R4 HCO2 + HO2 ? 2O2 + CO2 6.50 " 10#12 Yu et al. (2008)
R5 HCO2 + H ? H2 + CO2 1.00 " 10#10 Yu and Francisco (2008)
R6 HCO2 + H ? H2O + CO 4.00 " 10#12 Yu and Francisco (2008)
R7 HCO2 + OH ? H2O + CO2 1.00 " 10#11 Yu et al. (2005)
R8 HCO2 + NO ? HNO2 + CO 2.00 " 10#12 Olkhov et al. (2001)

98 C.S. Boxe et al. / Icarus 242 (2014) 97–104

McElroy  and  Donahue  (1972);  
Parkinson  and  Hunten (1972)
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is spin-forbidden, and its three-body reaction rate coefficient is
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net : 2COþ O2 ! 2CO2 ðcatalytic cycle 1Þ

OHþ CO! Hþ CO2

Hþ O2!
M HO2

HO2 þ O! O2 þ OH

net : COþ O! CO2 ðcatalytic cycle 2Þ

McElroy and Donahue (1972) and Parkinson and Hunten (1972)
recognized that the small amount of water vapor in Mars’s atmo-
sphere could play a fundamental role in atmospheric photochemi-
cal processes. Since these seminal investigations, the only
significant addition involved the reaction of HO2 with NO to yield
NO2 and OH, which introduced 2 new chemical schemes for the
oxidation of CO to CO2 (Nair et al., 1994; Yung and Demore, 1999).
2ðCOþ OH! CO2 þHÞ

2ðHþ O2!
M HO2Þ

HO2 þ NO! NO2 þ OH
NO2 þ hv ! NOþ O
HO2 þ O! OHþ O2

net : 2COþ O2 ! 2CO2 ðcatalytic cycle 3Þ

OHþ CO! Hþ CO2

Hþ O2!
M HO2

HO2 þ NO! NO2 þ OH
NO2 þ O! O2 þ NO

net : COþ O! CO2 ðcatalytic cycle 4Þ

Since Nair et al. (1994), there has not been any significant update
on addressing the CO–CO2 cycling on Mars. The O(1D) quantum yield
has recently been updated, which quantifies nonzero quantum
yields in the Huggins bands (Matsumi et al., 2002). In addition, it is
also known that the OH + CO reaction produces HOCO, a radical spe-
cies, whose impact has never been considered in the martian atmo-
sphere, given the once limited kinetic data on reactions involving
HOCO (Petty et al., 1993; Olkhov et al., 2001; Mielke et al., 2003;
Yu et al., 2005). We, therefore, utilize the Caltech/JPL 1-D photo-
chemical model for Mars to look at the impact on the chemical state
of its atmosphere via the inclusion of updated O(1D) quantum yields
(Matsumi et al., 2002) and HOCO chemistry (Fulle et al., 1996; Sears
et al., 1992) (Table 1). Firstly, the photochemical model setup is
briefly described; thereafter, the impact on NOy, HOx, and COx

chemistry are discussed in Section 3.

2. Photochemical model setup

We utilize the Caltech/JPL one-dimensional (1-D) photochemi-
cal kinetics model for a latitude of 30! versus season, which is sim-
ilar to that used by Yung et al. (1988) and Nair et al. (1994) to study
the, overall, photochemical state of the martian atmosphere. A
detailed description of the 1-D photochemical model can be found
in Nair et al. (1994); we, therefore, only provide a short description
of the model. Specifically, it incorporates Mars atmospheric Ox,
COx, HOx, and NOy chemistry in the presence of vertical diffusive
transport and allows for time-dependent calculations. This model
is an update of the Nair et al. (1994) model. It solves the 1-D con-
tinuity equation,

@ni

@t
þ @Ui

@z
¼ Pi # Li;

(ni, Ui, Pi, and Li are the concentration, vertical diffusive flux, and
chemical production and loss terms, respectively, for species i
(Allen et al., 1981) for 29 species (O, O(1D), O2, O3, N, N(2D), N2,
N2O, NO, NO2, NO3, N2O5, HNO2, HNO3, HO2NO2, H, H2, H2O, OH,
HO2, H2O2, CO, CO2, O+, O2

+, CO2
+, and CO2H+) in 177 reactions from

the surface to the exosphere at 240 km (with 2 km resolution) in
121 levels. In the diurnally-averaged 1-D photochemical model,
the steady-state solution is solved after allowing @ni

@t ! 0. The
vertical flux is given by

Ui ¼ #D
dni

dz
þ ni

Hi
þ nið1þ aÞ

T
dT
dz

! "
# K

dni

dz
þ ni

Hi
þ ni

T
dT
dz

! "
;

where Di is the molecular diffusion coefficient of species i through
the background atmosphere, Hi is the scale height of species i, T is
the temperature, a is the thermal diffusion factor (which we take
to be zero), K is the eddy diffusion coefficient, and H is the scale
height of the background atmosphere.

Table 1
New reactions included in the JPL/Caltech 1-D Photochemical Mars Model. Rate
coefficients are given in cm3 molecule#1 s#1 for bimolecular and cm6 molecule#2 s#1

for termolecular reactions.

Reaction Rate coefficient Reference

R1 OH + CO + M ? M + HCO2 k0 = 5.90E#33
(T/300)#1.4

Sander et al. (2006)

R2 HCO2 + O2 ? HNO2 + CO2 2.00 " 10#12 Sander et al. (2006)
R3 HCO2 + HO2 ? H2O2 + CO2 5.80 " 10#11 Yu et al. (2008)
R4 HCO2 + HO2 ? 2O2 + CO2 6.50 " 10#12 Yu et al. (2008)
R5 HCO2 + H ? H2 + CO2 1.00 " 10#10 Yu and Francisco (2008)
R6 HCO2 + H ? H2O + CO 4.00 " 10#12 Yu and Francisco (2008)
R7 HCO2 + OH ? H2O + CO2 1.00 " 10#11 Yu et al. (2005)
R8 HCO2 + NO ? HNO2 + CO 2.00 " 10#12 Olkhov et al. (2001)
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radicals  (Boxe et  al.  2014)



MGS RSS, they found 71 meteoric ion peaks. The mean altitude of
the meteoric ion peak was found to be 91.7 ± 4.8 km, with a

width of 10.3 ± 5.2 km. Pätzold et al. (2005) found a third peak
in the MEX RO profiles that appeared between 65 and 110 km

Table 1
Characteristics of MGS radio occultation seasons used in this study.

Season Start date yyyy-mm-dd End date yyyy-mm-dd Start MYa/Lsb End MY/Ls Total number of occultations

1 1998-12-24 1998-12-31 24/074 24/077 32
2 1999-03-09 1999-03-27 24/108 24/116 43
3 1999-05-06 1999-05-29 24/134 24/146 220
4 2000-11-01 2001-06-06 25/070 25/174 1572
5 2002-11-01 2003-06-04 26/089 26/197 1806
6 2003-06-22 2003-07-02 26/208 26/214 76
7 2004-11-23 2004-12-22 27/119 27/133 270
7 2004-12-26 2005-06-09 27/135 27/227 1581

a Martian year as defined by Clancy et al. (2000). MY 1 began at Ls = 0, 11 April 1955.
b Areocentric Longitude (in degrees) relative the northern vernal equinox, for which Ls = 0.

Fig. 4. Examples of electron density profile types 1–4. Two examples of each type are illustrated. The profiles are labeled with their MGS identifiers. The second example of
type 2 and the second example of type 4 profiles appear to be disturbed by wave activity.
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Global  Surveyor  electron  
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Fig. 7 Viking Lander 1 ion
density profiles measured by the
RPA instrument. Adapted from
Hanson et al. (1977), Fig. 6a.
J. Geophys. Res., American
Geophysical Union. O+

2 , CO+
2 ,

and O+ are plotted as measured
upon descent by the VL1
spacecraft

2.2 Ionosphere

2.2.1 What Is the SZA (Solar Zenith Angle) Dependence of the Ionospheric Densities and
Altitude Profiles, as Well as Variations with the Mars Seasons and Solar Cycle?

Many basic ionospheric properties and processes are poorly constrained by existing obser-
vations (see reviews by Withers 2009; Haider et al. 2011; Bougher et al. 2014). The only
existing in-situ data on the composition, temperatures and motions of the Martian ionosphere
still consist of the two altitude measurement profiles (including densities of O+

2 , CO+
2 , and

O+) from about 110 to 300 km as measured by the Retarding Potential Analyzers (RPA)
on the Viking 1 and 2 Landers near 44° SZA at low solar activity (see Fig. 7) (e.g., Hanson
et al. 1977).

By contrast, many electron density profiles from the ionosphere of Mars have been ob-
tained by radio occultation (RO) experiments (over a wide range of solar cycle conditions)
beginning with the Mariner 4 flyby in 1964 and continuing to Mars Express (2004–present)
(e.g., Fjeldbo and Eshleman 1968; Barth et al. 1992; Hinson et al. 1999; Pätzold et al. 2005;
Mendillo et al. 2003, 2013). Also see reviews by Withers (2009), Haider et al. (2011),
Bougher et al. (2014). The early measurements from Mariner 9 and Viking gave indica-
tions of solar cycle variations of the ionospheric profiles, and revealed a very weak (often
not measurable) and variable nightside ionosphere (e.g. see Zhang et al. 1990a, 1990b and
references therein). From 1998 to 2005, the Mars Global Surveyor (MGS) Radio Science
Subsystem (RSS) returned ∼5600 high-latitude electron density profiles in the SZA range
71–89° (e.g., Hinson et al. 1999). Also, the radio science experiment MaRS on the European
Mars Express (MEx) orbiter returned ∼500 electron density profiles during 5 Earth occul-
tation seasons spanning the period from April 2004 to September 2008 (e.g., Pätzold et al.
2005).

MEx also employs the Mars Advanced Radar for Subsurface and Ionospheric Sounding
(MARSIS) instrument to measure the topside ionospheric electron density profile and the
peak density by vertical sounding (e.g. Gurnett et al. 2008). An advantage of the MARSIS
experiment is that it can access regions of the ionosphere that RO experiments cannot for
geometrical reasons: the deep nightside ionosphere (SZA > 125°) and the region near the

From  Bougher+(2015a)



CHþ þ CO2 ! HCOþ þ CO ðR76Þ

appears to be superimposed on the altitude profile for the loss reac-
tion (R71). This is not a coincidence. At altitudes below $220 km,
CH+ is in photochemical equilibrium (PCE). Below 180 km, the pro-
duction of CH+ is dominated by reaction (R71) and its loss is
dominated by reaction (R76); therefore in the PCE region the rates
of these two reactions are approximately equal.

The rate coefficient for (R71) is large, but the predicted density
of C is low; the rate of the proton transfer process is thus small
compared to that for DR of HCO+:

HCOþ þ e! Hþ COþ 7:44 eV; ðRC1Þ

which is the most important photochemical loss process over the
entire range of the ionosphere. The predicted density profile of
HCO+ depends to a large extent on the adopted DR coefficient. As
Fig. 3 shows, there is a great deal of uncertainty associated with
the thermal rate coefficient for this process and its temperature
dependence.

Because of the large exothermicity of reaction (RC1), electronic
excitation of the product CO molecule to the a3Pðv 6 7Þ and

a03Rþðv 6 3Þ states is energetically possible; the two states are
characterized by zero point energies of 6.14 and 7.00 eV above
the ground state of CO(X1Rþ), respectively (e.g., Huber and
Herzberg, 1979). The CO(a03Rþ) state radiates to the a3P state in
the Asundi bands, which are in the visible to near IR. The
CO(a3P! X1Rþ) Cameron band system is the brightest feature in
the ultraviolet martian dayglow. Although the COða% XÞ transition
is dipole forbidden, the CO(a) state has a relatively short radiative
lifetime, which varies with vibrational level and rotational levels
between about 1 ms and 100 ms. A recently measured lifetime for
the (v ¼ 0; J ¼ 1) level is about 3.7 s, and the average value for the
whole system is similar (e.g., Slanger and Black, 1971; Jongma
et al., 1997; Gilijamse et al., 2007). These bands were observed in
the DR of HCO+ by Adams and Babcock (1994), and the yield of
the excited state was determined to be about 0.23 for vibrationally
relaxed HCO+ (Rosati et al., 2007; cf., Johnsen et al., 2003).

Yan et al. (2000) have suggested that the Cameron Bands
detected from the astrophysical object ‘‘the Red Rectangle’’ arise
from DR of HCO+, but the region is deficient in CO2. Thus, while
the reaction may produce emission in the Cameron bands on Mars,

Fig. 4. Altitude profiles of the computed densities of 24 ions for the low solar activity model ionospheres from 80 to 400 km. Each curve is labeled with the name of the ion
that it represents. For clarity, there are 5 types of curves in these panels. Note the difference in scales for the panels on the left and those on the right. (a) 14 non-protonated
ions for the non-eroded model ionosphere, that is, those for which the upper boundary condition is zero flux. These species were in our previous models. The O2, O+, and COþ2
densities measured by the Retarding Potential Analyzer (RPA) on Viking 1 (Hanson et al., 1977) are shown as filled squares, filled circles, and filled triangles, respectively. (b)
Additional 10 protonated species for the non-eroded model. (c) 14 ions for the eroded ionosphere, that is, that for which an upward velocity boundary condition of
1' 105 cm s%1 is imposed at the upper boundary. The Viking RPA measurements are shown on this panel also. (d) Additional 10 protonated species for the eroded model.
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the potential meteoric layers in the dark ionosphere dis-
cussed in section 6.2. Since these layers do not exhibit sharp
vertical gradients, we cannot readily exclude the possibility
that they are produced by plasma layers some horizontal
distance away from the occultation point at a higher altitude
(section 3).

6.7. Large Plasma Densities at or Below 100 km
[46] Several of the groups of profiles discussed above

display large plasma densities at or below 100 km: these are
challenging to explain by either electron precipitation or
horizontal transport of dayside plasma. These profiles are:
A1 and A2 (day of year 230); B5, C1, C2, and C3 (days of
year 239–240); and E3, F1, F2, and F3 (days of year 256–
259). Note that these subsets of profiles appear contempo-
raneously, which strongly suggests a temporally varying
explanation.
[47] Although the 18 August to 1 October 2005 period

studied in this paper was one of generally low solar activity,

it was punctuated by several significant events. Background
counts in the MGS Electron Reflectometer and Odyssey
Gamma Ray Spectrometer increased significantly multiple
times during this interval with the increases persisting for
periods of several days [Morgan et al., 2006; Espley et al.,
2007], indicating the arrival of solar energetic particles
(SEPs) at Mars; Morgan et al. [2006] also found that ele-
vated densities of low-altitude plasma were present during
these periods. During an SEP event, the flux of high-energy
protons is elevated. This mechanism for plasma production
differs from the common electron precipitation mechanism
due to the particles involved, protons and heavier particles
versus electrons.
[48] Studies of SEP events by Withers [2011] and Sheel

et al. [2012] address the production of plasma densities at
70–100 km, as by Sheel et al. [2012, Figure 9]. Profiles B5,
C1, C2, C3 (days of year 239–240) and E3, F1, F2, and F3
(days of year 256–259) were acquired during SEP events
which may explain the presence of plasma at unusually low
altitudes in these profiles [Morgan et al., 2006, Figure 2].
[49] No SEP events occurred at Mars during the times

when profiles A1 and A2 were acquired (day of year 230),
which leaves meteoric plasma as the most likely explanation
for the observed low-altitude layers. This possibility is not
necessarily excluded by the absence of known meteor
showers on this date, which corresponds to Ls = 269!

[Christou, 2010], as the degree to which meteor showers
associated with cometary orbits are responsible for meteoric
layers on Mars has not been determined.
[50] The division of these nightside profiles into two sets,

those acquired during SEP events and those not, distin-
guishes profiles A1 and A2 from profiles B5, C1, C2, and C3.
A comparison of plasma densities at low altitudes does
exactly the same. In profiles B5, C1, C2, and C3, plasma
densities observed at 70–90 km exceed those at 110–170 km,
unlike profiles A1 and A2.

6.8. General Trends
[51] Figure 4a illustrates the relationship between peak

electron density and SZA. The spikes (section 5) in profiles
E1, E4, F1, and F5 have been eliminated from our determi-
nation of these peak electron densities and peak altitudes.
The peak density decreases with increasing solar zenith
angle until SZA ≈ 115!, then increases again after SZA =
120!. The decrease is similar to that found in the occurrence
rate of detectable ionospheric plasma by Němec et al.
[2010], who report that the decreasing continued until
SZA = 125!; it is unclear whether or not the difference
between the 115! of this work and the 125! of Němec et al.
[2010] is meaningful, given the statistical variations of the
two data sets. Figure 4b shows the relationship between peak
altitude and SZA.
[52] We identify three categories of profiles based on

Figure 4. First, the peak altitudes of profiles with SZA <
108! are 120–170 km. The peak electron density in these
profiles decreases with increasing SZA, from which we
conclude that the source of plasma in these profiles is
transport from the dayside. Second, the peak altitudes of
some profiles with SZA > 108! are below 110 km. Many of
these profiles were acquired during brief intervals when SEP
events occurred at Mars, from which we conclude that the
source of plasma in these profiles is SEP events. Third, the

Figure 4. (a) Dependence of peak electron densities and
(b) corresponding altitudes on solar zenith angle. Uncertain-
ties of peak densities and altitudes are listed in Table 1. The
length of the vertical arms of the crosses in Figures 4a and 4b
indicate the uncertainties in peak electron density and peak
altitude, although the uncertainties are in many cases smaller
than the nominal size of the crosses. Note that an altitude of
120 km is illuminated by sunlight for SZA ≤ 105!.
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peak altitudes of some profiles with SZA > 108! are 130–
170 km. Based on comparisons with models, we conclude
that the source of plasma in these profiles is electron pre-
cipitation. The 130–170 km range of peak altitudes is very
similar to that found by Zhang et al. [1990]. The observation
of low peak altitudes (90–100 km) at SZA > 108! in this
work, but not by Zhang et al. [1990], can be explained if no
SEP events perturbed Mars when the Viking data of Zhang
et al. [1990] were collected.
[53] TEC values were calculated by direct integration of

electron densities from 70 km to 250 km (Table 1). The 1s
uncertainty in TEC is 5.6 " 109 cm#2 (section 5). Figure 5a
shows the relationship between TEC and SZA. Numerical
values of nightside TEC and its decrease from SZA = 100!

to SZA = 115! are consistent with results from MARSIS
subsurface mode measurements [Lillis et al., 2010 Figure 1].
Figure 5b shows an apparently linear relationship between

TEC and peak electron density. If an ensemble of data sets is
generated using the uncertainties in both peak electron
density and TEC, then the ensemble of correlation coeffi-
cients has a mean value of 0.86 and a standard deviation of
0.02, confirming a close correlation between peak electron
density and TEC. Lillis et al. [2009] predicted TEC values of
3–4 " 109 cm#2 at weakly magnetized locations, similar to
those observed here.
[54] Neglecting uncertainties on peak electron density and

TEC, the best fit line relating peak electron density and TEC
is TEC = Nm " 65 km–5.7 " 109 cm#2, where Nm is peak
electron density. This is shown in Figure 5b. The length
scale of 65 km can be interpreted as the slab thickness of the
nightside ionosphere. A Monte Carlo study found the slab
thickness to have a mean value of 63 km and a standard
deviation of 4 km, and the intercept to have a mean value of
#4.0" 109 cm#2 and a standard deviation of 2.8" 109 cm#2.
We do not consider the nonzero value of the intercept to be
statistically significant and conclude that TEC is proportional
to peak electron density. This observed slab thickness is
similar to, but larger than, the 45–55 km predicted by Lillis
et al. [2009].
[55] The observed correlation between peak electron den-

sity and TEC is impressive. If a single physical mechanism
were responsible for maintaining the nightside ionosphere,
then this high value for the correlation coefficient would not
be too surprising. For instance, proportionality between TEC
and peak electron density would be expected if both are
proportional to some external factor, such as the intensity of
solar irradiance or the flux of charged particles. Instead,
some of the observations in Figure 5b come from profiles
where the dominant process is transport of plasma from the
dayside while others represent profiles where the dominant
process is electron precipitation.

7. Conclusions

[56] Analysis of MaRS vertical electron density profiles
shows that a range of morphologies is present in the dark ion-
osphere (SZA > 105!). Although the data processing algorithm
assumes a spherically symmetric ionosphere, an assumption
which is poorly satisfied by the dark ionosphere, the derived
electron density profiles are useful nonetheless.
[57] Peak electron densities decrease with increasing solar

zenith angle up to 115!, consistent with transport of dayside
plasma as an important plasma source. At higher solar zenith
angles, neither peak density nor peak altitude depend on
solar zenith angle, suggesting that the transport of dayside
plasma is no longer an important plasma source. Electron
precipitation is likely to be the dominant source here under
normal circumstances, leading to peak altitudes of 130–
170 km. The energy spectrum and pitch angle distribution of
these precipitating electrons depend on the magnetic envi-
ronment, but due to the limitations set by the geographical
distribution of this data set, we are unable to explore the
influence of crustal field strength and direction on the dark
ionosphere.
[58] During solar energetic particle events, low-altitude

plasma densities are enhanced and peak altitudes can be
much lower, 90 km, than usual. Two profiles (A1 and A2) at
solar zenith angles of 101! may contain meteoric layers at
$80 km. Some regions of the dark ionosphere have such

Figure 5. Dependence of total electron content on (a) solar
zenith angle and (b) peak electron density. The 1s uncer-
tainty in total electron content is 5.6 " 109 cm#2, as indi-
cated by the shaded grey region in Figure 5a. Lengths of
the horizontal and vertical arms of the crosses in Figure 5b
indicate uncertainties in total electron content and peak elec-
tron density. The solid line in Figure 5b is a best fit to obser-
vations. Note that an altitude of 120 km is illuminated by
sunlight for SZA ≤ 105!.
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variations  in  ion  densities.



data that were collected on both duskside and dawnside of the ionosphere and over awide range of latitudes and
solar activities (solar wind conditions and extreme ultraviolet irradiation). These averaged density profiles reveal
that below 300 km, O2

+ is the dominant ion in the ionosphere. Above this altitude, O+ becomes comparably abun-
dant. CO2

+ is the second most abundant ion below 220km (at 150 km, 14% of the total ion density is from CO2
+),

and its density decreases rapidly with altitude. One should note that above 270km, all ions tend to converge to
the same scale height. This behavior is due to the large gradient in plasma temperature at high altitude [Fox and
Weber, 2012; Fox, 2015]. The total ion density is dictated by the vertical distribution of the two dominant ions, O+

and O2
+. Based on our current calibration (see supporting information), the highest value for the average total ion

density at SZA=60° was 2.4×104 cm!3 with a combined standard deviation from averaging of 3.8×103 cm!3.
This value is reached at 160 km. A comparable average total ion density value was also measured at SZA=45°
(2.1×104 cm!3 at 160 km with a combined standard deviation from averaging of 2.8×103 cm!3), which is
about half of what was measured by the Viking 1 and 2 landers [Hanson et al., 1977] for similar SZA and altitude
(5.6×104 cm-3 and 4.3×104 cm-3, respectively), but lower solar activity (Viking measurements were made at the
deep solar minimum F10.7 = 27 on Mars). A thorough comparison of the NGIMS density profiles for O+, O2

+,
and CO2

+ with those from Viking 1 and 2, and from several models, is provided byWithers et al. [2015].

Additionally, the NGIMS measurements confirm the presence of all the protonated ions previously modeled by
Krasnopolsky [2002],Matta et al. [2013], and Fox [2015]. While the expected densities for protonated ions varied
between models, the NGIMS measurements reveal the presence of HNO+ with a substantially higher density
than previously predicted (400 cm!3 at 150 km), which makes it the third most abundant ion at 150 km, well
above HCO+. HCO+ is the terminal ion for most protonated ion species and thus was expected to be the most
abundant. Themodel of Fox [2015] predicted HNO+ to be present at trace levels (<0.03 cm!3) in the ionosphere
making its detection at high abundance surprising. Similarly, HO2

+ is detected at much higher levels than
expected by Fox [2015]. At 150 km, HO2

+ is comparable in density to OCOH+. Additionally, the detection of
H2O

+ and H3O
+ with peak densities of 10 and 5 cm!3, respectively, is surprising and provides strong indications

of the presence of H2O in the thermosphere. A more detailed analysis of the implications of the presence of
H2O

+, OH+, and H3O
+ is provided by Fox et al. [2015].

3. Primary Ion Peak

Several studies showed that the altitude at which the primary ion density peak (often labeled F1 or M2 by
various sources in the literature; it will be denoted M2 in this paper) occurs varies with SZA, planetocentric

Figure 2. Altitude profiles of the averaged density of ionospheric ions measured by NGIMS at SZA = 60° at altitudes
between 150 and 500 km. Other measured isotopes such as 36Ar+, 38Ar+, and 18OO+ are not depicted on this plot. The
vertical profile of the total ion density Ni is plotted in black.
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Mars  and  Venus  have  
similar,  low  dayside  

temperatures

Earth,  Jupiter  and  
Uranus  have  
similar,  high  
temperatures

Saturn  and  Neptune  have  similar,  
intermediate  temperatures





The  death  dance  of  the  spirits,  
warriors  with  their  plumes  and  war  
clubs,  flaring  away  to  the  northward,  

in  the  frosty  nights  of  winter.

Hiawatha,  H.  W.  Longfellow



“Pohjola’s gates  are  in  sight,
the  evil  gateways  glitter,
the  bright  covers  are  

glowing…”

Finnish  folk  poetry,  Sampo

Wood  carving  of  the  auroral  arc  by  Fridtjof  Nansen  (from  Kaila  1998).    
Below:  auroral  arc  at  Utsjoki  (www.leuku.fi).



Fierce  fiery  warriors  fought  upon  the  
clouds,  in  ranks  and  squadrons  and  
right  form  of  war,  that  drizzled  blood  

upon  the  Capitol.

W.  Shakespeare,  JC  II,  2,  19



“…the  cohorts  hurried  to  the  succor  of  the  colony  of  Ostia,  believing  it  to  be  on  
fire.    During  the  greater  part  of  the  night  the  heaven  appeared  to  be  illuminated  

by  a  faint  light.”

Seneca,  Naturales  Questiones  I  (37  AD)



But why does it (the fire) have various colours? Because it
makes a difference what element is set ablaze and the
quantity and force by which it is set on fire. Falling lights of
this sort indicate wind;; and, in fact, wind from the region
where they started burning. You ask: “The lights which
Greeks call sela – how are they produced? In many ways
they say. It is possible for the force of the winds to produce
them. The high temperature of the upper atmosphere can
cause them.

Lucius  Annaeus  Seneca
Questiones  Naturales  Book  I,  Vol.  VII

The  science  of  the  northern  lights



Anders Jonas Ångström (1814–1874) measured
the spectrum of the northern lights during 1866
and 1867. In particular he measured the
wavelength of 5567 Å for the green line. This
was later revised to 5577 Å by Babcock (1923).





Atomic  oxygen

Ionized  nitrogen  (N2+)





A  connection  between  solar  
activity  and  the  frequency  of  the  
aurora  was  noted.    Above:  a  sketch  
of  sunspots  by  Galileo.    Left:  Image  
of  the  sun  (July  2012)  from  NASA’s  
Solar  Dynamics  Observatory.



Above:  Nights  with  aurora  compared  
with  the  sunspot  number.    The  
observations  of  the  aurora  were  
made  by  G.G.Hällström in  Turku  
(1748-1828)  and  Helsinki  (1828-

1843)  (Nevanlinna 2009).    Right:  The  
previous  sunspot  cycle  is  no.  24.  



Jean  Jacques  d’Ortous  de  Mairan  (1678  – 1771)  
suggested  that  the  interaction  of  the  Earth’s  

atmosphere  with  the  extended  atmosphere  of  the  sun  
produces  the  aurora  borealis.    



In  the  19th century  to  aurorae  were  
mapped  to  a  ring  surrounding  the  
pole.    This  ring  is  not  centered  at  the  
north  pole  but  the  geomagnetic  pole.    

Image  of  the  UV  auroral  oval  
observed  by  the  NASA  Dynamics  

Explorer  1  satellite  that  was  launched  
in  1981  (below).    



Kristian  Olaf  Birkeland  (1867  – 1917)  
argues  that  the  northern  lights  are  
caused  by  electrons  as  they  move  
along  the  Earth’s  magnetic  field  lines.    
He  also  proposes  that  these  electrons  

stream  out  from  sunspots.




